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「強い」vs「弱い」重力レンズ

• 強い重力レンズ
− 個々のソースで検出
− κ≳1 (Σ≳Σcr)、critical curve/caustic の近く
− 複数像、大きな歪み、高い増光率

• 弱い重力レンズ
− 多数のソースの統計処理で検出
− κ≪1 (Σ≪Σcr)、critical curve/caustic から遠い
− 複数像なし、歪みや増光率は微小



背景銀河への重力レンズ効果

重力レンズなし 中心にレンズ天体

simulated by glafic



simulated by glafic
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軸対称レンズのshear

• 期待されるshear  [極座標 (θ1, θ2)=(θcosϕ, θsinϕ)]
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θ≈0 にあるレンズ天体
→ 

tangential shear!



弱い重力レンズの観測
• 重力レンズで背景銀河は行列 A−1で変形する

• しかし元の銀河の形状を知らないので個々の
   銀河に対して重力レンズ効果は測定できない

• 多数の銀河の形状を平均すれば、元の銀河の
   向きはランダムなので統計的にshearを測定可

推定された
shear形状を

平均
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弱重力レンズの測定 (I)

• 二次モーメントQabで銀河形状を測定

I(θ): 銀河の輝度分布→

• 楕円率を以下の通り定義

ϵ1>0 ϵ1<0 ϵ2>0 ϵ2<0
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• 重力レンズで形状変化: Q(s)ab → Qab
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δβ
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A   : de-lensing
A−1: lensing

弱重力レンズの測定 (II)
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• したがって

弱重力レンズの測定 (III)
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• shear, 楕円率の複素表示を使うと便利

(γ と ϵ は spin-2 field, つまり ɸ の回転で γ→γe2iϕ)

像の
楕円率 ϵ

重力レンズ (γ, κ)
ソース
楕円率 ϵ(s)

弱重力レンズの測定 (IV)



g ⌘ �

1� 

• reduced shear g を定義する

• すると方程式はさらに簡略化される

✏(s) =
✏� 2g + g2✏⇤

1 + |g|2 � 2Re [g✏⇤]

(弱重力レンズは厳密には γ でなくg を測定!)

弱重力レンズの測定 (V)
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• 元々の銀河の向きはランダム → ⟨ϵ(s)⟩=0

   + shear が弱い (g≪1), ϵ≪1

→ h✏i = 2g

• shear推定の誤差は
σϵ~0.4 : 銀河の固有楕円率
Ngal :  平均した銀河の数

銀河団 g~0.03 → 十分なS/Nを得るには Ngal≳104 

弱重力レンズの測定 (VI)



実際の測定 (言うは易く、、、)

• 観測された銀河の形状は望遠鏡の光学系や
   大気のゆらぎに起因する Point Spread Function 
   (PSF) でなまされている

• 星の形状を観測してPSFを見積もり補正する

• バイアスなしで銀河の形状を測定するのは
   大変だが究極的には画像シミュレーション
   でチェックすればなんとかなる



実際の銀河形状測定の概要

• 銀河の形状 (shear) の精確な測定は弱い重力レンズ
   解析の最大の困難の一つ

• 画像シミュレーションによる較正が可能

observe

observe

source
galaxy

lensed
galaxy

smeared 
by PSF

star (point 
source)

smeared
by PSF

galaxy⊗PSF

⊗PSF (no lensing)
PSF

infer this
β=θ−α ⊗PSF



ここまでの簡単なまとめ
• 視線方向に積分した質量 (ダークマター) 分布 

   → convergence κ

• 背景銀河の形状を平均して観測から推定
   → shear γ (reduced shear g)

• κ と γ はレンズポテンシャル ψ を介して関係
   (ψの2階微分)



Tangential shear

• 球対称の密度分布は shear 
   は常に tangential 方向のみ

• ある基準点 (銀河団中心) を
    定義し shear γ1, γ2 を変換

• γ+を測定し、モデル計算と
   比較してダークマター分布
   を測定 (γXはゼロ)

�+ ⌘ ��1 cos 2�� �2 sin 2�

�⇥ ⌘ �1 sin 2�� �2 cos 2�

γ+

γ×

ϕ基準点 θ1

θ2



重力レンズ Eモード/Bモード

Eモード: 重力レンズ
で生成される

Bモード: 重力レンズで
生成されない (小さい)

→ 系統誤差のチェック

γ+ γ×
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Tangential shear profile

• 半径 θ の円環を定義

• 円環内の tangential shear
   を円環内の銀河を平均
   して計算 ɸ

半径θ

[wi: ウェイト, 例 w=1/(σint2+σsta2)]

• 観測された γ+(θ) を理論
   モデルと比較



NFW密度プロファイル
Navarro, Frenk & White (1996, 1997)

密
度
ρ

半径r
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ρ∝r−3

• N体計算で得られる
  冷たい無衝突ダークマ
  ターの自己重力系の
  動径密度分布は普遍的

�(r) =
�s

(r/rs)(1 + r/rs)2

• 銀河団重力レンズ解析
   でもよく使われる
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NFW分布の重力レンズ (球対称)

• 密度分布を視線方向に投影 → convergence κ

• 球対称での convergence とtangential shear の関係

• NFW分布の場合
shearは密度分布のnon-

localな情報を持つ！



NFW分布の重力レンズ (球対称)

(M=1015Msun/h, c=4, zl=0.3, zs=1.0) • γ+は興味のある
   範囲で典型的に
   ~0.01-0.1

• γ+とg+は外側で
   一致

arcmin
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Tangential shear profile の S/N

• 半径のbinを対数でとった
   として固有楕円率由来の
   誤差は

θ

γ+

dσγ/dlnθ∝θ−1

∝θ−2

∝lnθ

θs=rs/DA

• 一方NFW分布の γ+ (g+) 
   は中心で緩やかになる
  → r=rs 付近の質量分布が
      主にS/Nを決める  



解析の例
• SDSSJ1138+2754あ
   Sloan Giant Arcsあ
   Survey (SGAS) で
   見つかった強い
   重力レンズを示す
   銀河団 (z=0.45)

• すばるSuprime-cam
   画像を用いて弱
   重力レンズ解析

Subaru/Suprime-cam gri-band
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すばる望遠鏡広視野画像
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解析に使った銀河
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各円環でtangential shearを計算



観測された tangential shear 分布 
Oguri et al. MNRAS 420(2012)3213

NFW fit

• NFW分布から計算
   された g+ とよく
   一致

• gXは期待どおり
   ほぼゼロ

• NFW fitの結果
   銀河団の質量は
   M~1015Msun/h と
   かなり重いこと
   が判明



スタック解析 (stacked weak lensing)

• 弱い重力レンズ信号が個々に十分に検出できる
   のは適切な z にある (z~0.2-0.5) 非常に重い銀河
   団のみ

• 銀河団サンプルに対して重力レンズ信号を足し
   合わせることで (stacked weak lensing) より軽い
   銀河団や銀河、ないし high-z 銀河団を詳しく
   調べることができる

• 広視野撮像サーベイの時代に特に重要な手法



スタック解析の概要

+ +

cluster 1 cluster 2 cluster 3

stacked

• 異なる銀河団のまわりの shear 
   測定を組み合わせることで、
   銀河団サンプルの平均的性質を
   詳しく調べることが可能に



スタック解析の威力 (I)
Oguri et al. MNRAS, 420, 3213 (2012)

• 多数の銀河団で
   スタックし高S/N

• 標準ダークマター
   理論の予言分布
   (NFW profile) と
   高精度で一致
  (see also Okabe et al. 2010, 
     2013; Umetsu et al. 2014; 
     Niikura et al. 2015)



Oguri et al. MNRAS, 420, 3213 (2012)

スタック解析の威力 (II)

• 長軸をそろえて2D
   スタック解析

• 質量分布は球対称
   ではなく大きくゆ
   がんだ (軸比~0.5) 
   分布, ΛCDMの予言
   と良く一致 
  (see also Evans & Bridle 2009;
   Oguri et al. 2012;  Clampitt &
   Jain 2016; van Uitert et al. 2016)



スタック解析の威力 (III)
Linking Stellar to Dark Matter 17

Figure 6. Comparison between the galaxy clustering and g-g lensing measurements from SDSS with the signals predicted by the best-fit iHOD model,
for the eight stellar mass-selected samples. For each sample, the top and bottom panels show the projected correlation function w

p

and g-g lensing signal
�⌃, respectively. In each panel, the data points with errorbars are the measurements, and the thick line is the best-fit signal, which is decomposed into the
2-halo (thin solid), the 1-halo central (thin dashed), and the 1-halo satellite (thin dot–dashed) contributions shown underneath. The dotted and the dot–dot–
dashed lines in the lower sub-panels represent the lensing contributions from the subhalo dark matter and the galaxy stellar mass, respectively. The x-/y-axis
ranges are uniform across all panels. The model provides excellent fit to both the clustering and lensing signals of galaxies over four decades in stellar mass.
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Zu & Mandelbaum (2016)

• 銀河団だけでなく銀河の周りのスタック解析
   で銀河とダークハローの関係を詳しく調べる
   研究もさかんに行われている



ダークマター分布: mass map

• tangential shear 解析では質量密度分布の中心
  や分布の関数形をあらかじめ仮定

• 仮定をおかず直接密度分布を再構築すること
   も可能 (shear → convergence)
    (Kaiser & Squires 1993)
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質量密度分布の再構築 (I)

• 復習: 密度分布 κ とレンズポテンシャル ψ の関係

• ψ の2階微分が shear γ なので
shearは密度分布
の non-local な
情報を持つ！
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• 畳み込み → フーリエ空間では積

→

    定数 
→ γ に影響せず
(mass-sheet 縮退)

質量密度分布の再構築 (II)
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• わかりやすくするためちょっと書き換える

Eモード (real) Bモード (ゼロになる)

θ θ1

θ2

θ’−θθ’κ(θ)
γ+

γ×

ϕ

質量密度分布の再構築 (III)

   ある点 θ の convergence κ(θ)
→ その周りの γ+を足し上げる

→ → 
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• 小スケールのノイズを抑えるためフィルター
   (smoothing) が必要

質量密度分布の再構築 (IV)

• 現実には小スケールのノイズの寄与が発散

2

The mass reconstruction for discrete galaxies is described
as

κest(θ) =
1

n̄π

∑

i

D∗(θ − θi)ϵobs(θi), (19)

and its Fourier transform is given by
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ϵobs(θi)e
−iℓθi . (20)
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where we have used Eq. (18). Hence the shot noise poser
spectrum is

Pshot(ℓ) = S⟨κ̂∗est(ℓ)κ̂est(ℓ)⟩shot =
σ2
e

n̄
, (22)

where S is the survey area and n̄S =
∑

i. In fact the
shor noise power spectrum above contains both E- and
B-mode. For the E-mode (or B-mode) only, the shot
noise power spectrum should be

Pshot(ℓ) =
σ2
e

2n̄
. (23)

The power spectrum suggests that the shot noise corre-
laton function diverges at the small-scale limit

⟨{κ̂est(θ)})2⟩shot =
∫

d2ℓ

(2π)2
Pshot(ℓ) → ∞. (24)

Thus we need spatial filter to supress the shot noise effect
which dominates at small-scale.

C. Filtered mass map

We can obtain a smoothed mass map by convolving
the original map κ(θ) with a filtering kernel U(θ

κ̃(θ) =

∫

d2θ′U(θ − θ′)κ(θ′). (25)

For this filtered map the shot noise power spectrum
(Eq. 23) is modified as

Pshot(ℓ) =
σ2
e

2n̄
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and therefore does not diverges as long as the high-
frequency modes are filtered out, i.e., Û(ℓ) ≈ 0 at large
ℓ. The convolution is interchangeable, which suggests
that smoothing γ map before the mass reconstruction
is essentially same as smoothing κ map after the mass
reconstruction.

II. PEAK
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Appendix A: Filtering

1. Basics

Provided that it is compensated
∫

dθθU(θ) = 0, (A1)

it is equivalent to the convolution of the tangential shear
map with a kernel Q:

κ̃(θ) =

∫

d2θ′γt(θ
′|θ)Q(|θ − θ′|), (A2)

where Q is related with U as
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dθ′θ′U(θ′)− U(θ). (A3)

U(θ) can be computed from U(θ) as
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if Q(x)/x is finite at x → 0, or
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θ′
Q(θ′)−Q(θ). (A5)

The mass peak is quantified by the signal-to-noise ratio
ν

ν =
κpeak
σnoise

, (A6)

For a given (circular symmetric) mass model, κpeak and
σnoise are calculated as

κpeak = 2π
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∫
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The mass reconstruction for discrete galaxies is described
as

κest(θ) =
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∑

i

D∗(θ − θi)ϵobs(θi), (19)

and its Fourier transform is given by
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where we have used Eq. (18). Hence the shot noise poser
spectrum is

Pshot(ℓ) = S⟨κ̂∗est(ℓ)κ̂est(ℓ)⟩shot =
σ2
e

n̄
, (22)

where S is the survey area and n̄S =
∑

i. In fact the
shor noise power spectrum above contains both E- and
B-mode. For the E-mode (or B-mode) only, the shot
noise power spectrum should be

Pshot(ℓ) =
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2n̄
. (23)

The power spectrum suggests that the shot noise corre-
laton function diverges at the small-scale limit

⟨{κ̂est(θ)})2⟩shot =
∫

d2ℓ

(2π)2
Pshot(ℓ) → ∞. (24)

Thus we need spatial filter to supress the shot noise effect
which dominates at small-scale.

C. Filtered mass map

We can obtain a smoothed mass map by convolving
the original map κ(θ) with a filtering kernel U(θ

κ̃(θ) =

∫

d2θ′U(θ − θ′)κ(θ′). (25)

For this filtered map the shot noise power spectrum
(Eq. 23) is modified as
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and therefore does not diverges as long as the high-
frequency modes are filtered out, i.e., Û(ℓ) ≈ 0 at large
ℓ. The convolution is interchangeable, which suggests
that smoothing γ map before the mass reconstruction
is essentially same as smoothing κ map after the mass
reconstruction.
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Provided that it is compensated
∫

dθθU(θ) = 0, (A1)

it is equivalent to the convolution of the tangential shear
map with a kernel Q:

κ̃(θ) =

∫

d2θ′γt(θ
′|θ)Q(|θ − θ′|), (A2)

where Q is related with U as

Q(θ) =
2

θ2

∫ θ

0
dθ′θ′U(θ′)− U(θ). (A3)

U(θ) can be computed from U(θ) as

U(θ) = −Q(θ)−
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0
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if Q(x)/x is finite at x → 0, or

U(θ) =
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Q(θ′)−Q(θ). (A5)

The mass peak is quantified by the signal-to-noise ratio
ν

ν =
κpeak
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, (A6)

For a given (circular symmetric) mass model, κpeak and
σnoise are calculated as
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∫
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∫
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[U(θ): 例えばGaussian]



解析の例
• SDSSJ1138+2754あ
   Sloan Giant Arcsあ
   Survey (SGAS) で
   見つかった強い
   重力レンズを示す
   銀河団 (z=0.45)

• すばるSuprime-cam
   画像を用いて弱
   重力レンズ解析

Subaru/Suprime-cam gri-band
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すばる望遠鏡広視野画像
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解析に使った銀河



42

観測された shear (γ) マップ



43

再構築された convergence (κ) マップ



HSCサーベイのmass map (~9 deg2) 



弱い重力レンズと宇宙大規模構造
• 弱い重力レンズは
   ダークマターも含め
   た全質量密度分布
   を測定する

• 弱い重力レンズの
   統計量 (パワースペ
   クトル等) で密度
   ゆらぎとその進化
   を直接調べられる
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• フーリエ空間に変換

P(k): matter 
power spectrum

• レイリーの公式

• 直交性
jℓ(x): 球ベッセル関数
Yℓm(x): 球面調和関数

宇宙論的弱い重力レンズ (II)
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宇宙論的弱い重力レンズ (III)
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リンバー近似 (Limber’s approx.)

• 以下の関係式を使う

• P(k) は k に従って弱く変化するとして積分
   の外に出すと (k ~ ℓ/fK(χ))
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shear二点相関との関係
• フーリエ空間でのshearとconvergenceの関係

• 従ってshearの二点相関もconvergence power

   spectrum Cκκ(ℓ) で書き表せる



Convergence power spectrum

• 密度ゆらぎの非線形
   進化に大きく影響

• 全体的になめらかで
   featureがあまりない

• 小スケールでは shot 
   noise が卓越する

2

The mass reconstruction for discrete galaxies is described
as

κest(θ) =
1

n̄π

∑

i

D∗(θ − θi)ϵobs(θi), (19)

and its Fourier transform is given by

κ̂est(ℓ) =
1

n̄π
D̂∗(ℓ)

∑

i

ϵobs(θi)e
−iℓθi . (20)

This implies

⟨κ̂∗est(ℓ)κ̂est(ℓ)⟩shot =
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⟨ϵ∗obs(θi)ϵobs(θj)⟩ei(θi−θj)ℓ

=
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where we have used Eq. (18). Hence the shot noise poser
spectrum is

Pshot(ℓ) = S⟨κ̂∗est(ℓ)κ̂est(ℓ)⟩shot =
σ2
e

n̄
, (22)

where S is the survey area and n̄S =
∑

i. In fact the
shor noise power spectrum above contains both E- and
B-mode. For the E-mode (or B-mode) only, the shot
noise power spectrum should be

Pshot(ℓ) =
σ2
e

2n̄
. (23)

The power spectrum suggests that the shot noise corre-
laton function diverges at the small-scale limit

⟨{κ̂est(θ)})2⟩shot =
∫

d2ℓ

(2π)2
Pshot(ℓ) → ∞. (24)

Thus we need spatial filter to supress the shot noise effect
which dominates at small-scale.

C. Filtered mass map

We can obtain a smoothed mass map by convolving
the original map κ(θ) with a filtering kernel U(θ

κ̃(θ) =

∫

d2θ′U(θ − θ′)κ(θ′). (25)

For this filtered map the shot noise power spectrum
(Eq. 23) is modified as
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and therefore does not diverges as long as the high-
frequency modes are filtered out, i.e., Û(ℓ) ≈ 0 at large
ℓ. The convolution is interchangeable, which suggests
that smoothing γ map before the mass reconstruction
is essentially same as smoothing κ map after the mass
reconstruction.

II. PEAK
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Appendix A: Filtering

1. Basics

Provided that it is compensated
∫

dθθU(θ) = 0, (A1)

it is equivalent to the convolution of the tangential shear
map with a kernel Q:

κ̃(θ) =

∫

d2θ′γt(θ
′|θ)Q(|θ − θ′|), (A2)

where Q is related with U as

Q(θ) =
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θ2

∫ θ

0
dθ′θ′U(θ′)− U(θ). (A3)

U(θ) can be computed from U(θ) as

U(θ) = −Q(θ)−
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if Q(x)/x is finite at x → 0, or
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θ′
Q(θ′)−Q(θ). (A5)

The mass peak is quantified by the signal-to-noise ratio
ν

ν =
κpeak
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, (A6)

For a given (circular symmetric) mass model, κpeak and
σnoise are calculated as

κpeak = 2π

∫

dθθκ(θ)U(θ) = 2π

∫

dθθγt(θ)Q(θ), (A7)
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宇宙論的情報

• 密度ゆらぎの大きさ
   (σ8)、物質密度 (Ωm)
   などに大きく依存

• 密度ゆらぎの進化や
   宇宙の幾何 (距離) 
   にも依存

• 情報は主にamplitude
   からくる



射影効果

fK(χ1)

fK(χ2)

z=z1

z=z2

θ~π/ℓ

• Cκκ は物質パワースペクトル
   P(k) を視線方向に (重み付け)
   積分したもの

C(`) =

Z
d�W 2

GL(�)
1

f2
K(�)

P (k = `/fK(�))

• ある ℓ に対して対応する k は
   赤方偏移によって変わるため
   異なる k のモードを混ぜ合わ
   せる (従ってBAOも消される)

• convergence power spectrum



揺らぎの進化 

• 弱い重力レンズの二点相関により視線方向に
   積分した密度ゆらぎを直接測ることが出来る

C(`) =

Z
d�W 2

GL(�)
1

f2
K(�)

P (k = `/fK(�))

• 密度揺らぎの時間進化を測るにはさらなる
   工夫が必要



方法 (I): トモグラフィー
• 異なる zs ビンのソース銀河を使い二点相関を
   測定する

• 異なる zs はその手前の
   異なる z の範囲の質量
   分布を測る
   → 揺らぎのz進化を制限
        (e.g., Hu 1999)

• 異なる zs ビン同士の相関
   も大きいことに注意

χ
χ(zs,1)

WGL(χ)

0
χ(zs,2)

χ(zs,3)



トモグラフィーのpower spectrumWide-field imaging with Hyper-SuprimeCam 19

Figure 8: Left panel: The cosmic shear power spectra for galaxy distribution divided in three redshift slices, 0 ≤
z1 ≤ 0.6, 0.6 ≤ z2 ≤ 1, and z3 ≥ 1. The bold solid curves show the expected auto-spectra of 3 redshift bins for a
ΛCDM model, while the thin curves are the results for a model with wDE = −0.9. The boxes around the bold curves
show the expected measurement error due to the sample variance and the intrinsic galaxy shapes for the HSC-Wide
survey. Right panel: The 68% C.L. constraint region in the parameter space of Ωde and wde, assuming flat wCDM
(constant wde) for a variety of experiments. The outer black contour shows current constraints from a combination
of WMAP7 and the SDSS WL measurement (Mandelbaum et al. 2012 in prep.). The other smaller contours show
the expected constraints for the HSC observables, in combination with the expected Planck CMB constraints and/or
the SDSS/BOSS galaxy clustering constraints.

ACT experiment and its successor ACTPol, and we have agreed on an almost complete overlap of the
HSC-Wide fields with the ACT region. The ACT experiment will provide a unique, redshift-independent
catalog of SZ-selected clusters with nearly 100% completeness of very massive clusters (> 8 × 1014M⊙)
at redshift z >

∼ 0.6 (Niemack et al. 2010). Also, it will provide a target list of sub-mm galaxies (most of
which are strongly lensed dusty galaxies, e.g., Wardlow et al. 2012) for a joint study by ALMA to study
the high-redshift source galaxy and HSC to identify the lens.
CMB-galaxy lensing: Lensing of the CMB by mass projected from the last scattering surface is one
of the most exciting possible measurements with CMB experiments such as Planck, ACT and ACTPol.
The CMB lensing and HSC-galaxy lensing effects at any given point on the sky arise from the same large-
scale structure in the overlapping redshift range, so we can cross-correlate CMB data with HSC lensing
to measure the overlapping lensing effect. The great depth of the HSC survey is crucial, as CMB lensing
arises mainly from large-scale structures at redshift z >

∼ 2. We estimate that the statistical errors on the
HSC shear-CMB lensing cross-power spectrum will be only 1.5 times as large as those on the cosmic shear
power spectrum from HSC alone (or even better than that on the largest scales), so cross-correlation with
CMB lensing will add significant power to HSC. Also, since the two lensing effects are sensitive to different
systematic errors, the cross-correlation gives us a powerful, empirical way of calibrating systematic errors.

5.3 Target accuracies of parameter constraints

Thus, from the HSC survey alone and combined with other surveys, we will derive stringent constraints on
cosmological parameters via H(z), G(k, z) and Pζ(k) following the process in Figure 6. Table 4 shows the
expected accuracies of cosmological parameters estimated using the Fisher information matrix formalism.
We included a broad range of cosmological parameters to model the observables for varying cosmological
models, and also included nuisance parameters to model the systematic errors in the observables such
as the photo-z errors, the shear multiplicative error, and so on (see Oguri & Takada 2011 for details).
For SNeIa, we derive forecast constraints from 130 SNeIa discovered by HSC-UD plus 150 local SNeIa at

(by Masahiro Takada)

すばるHSCサー
ベイで予想され
るシグナルとノ
イズ
bin 1: 0<zs<0.6
bin 2: 0.6<zs<1
bin 3: 1<zs



C��(`) / P (k = `/fK(�l); zl)

方法 (II): cross-correlation

γ(zs)

θ~π/ℓ

z=zl

• shear と赤方偏移 z=zl がわかっ
  ている手前の天体との相互相関
   (cross-correlation) を考える

• 大スケールでは相互相関のシグ
   ナルは P(k; zl) に比例し従って
   z=zl の密度揺らぎを引き出す
   ことが出来る

P(k; zl)



Cross-correlationの例
• shearと手前の銀河団との
   相互相関シグナル、及び
   すばるHSCで期待される
   ノイズ

• “two-halo term” の測定
   から銀河団赤方偏移で
   の密度揺らぎ (matter 
   power spectrum) を制限
   できる

11

FIG. 7: The bold solid curves show stacked lensing signals in Fourier (upper-row panels) and real (lower panels) spaces, for
three cluster redshift slices, 0.2 < z < 0.3 (left panel), 0.7 < z < 0.8 (middle), and 1.2 < z < 1.3 (right), respectively. Note
that in all the plots we assumed a background source galaxy sample defined by zs > 1.5. The dotted curves indicate the
contributions from 1-halo and 2-halo terms. While the effect of off-centering is included assuming the two component model
described by Eq. (34), we also show the case without any offset by the thin solid curves for reference. The boxes around each
curve indicate the measurement errors for the binned power spectra or the binned shear profiles (see Sec. IVB) for the bin size
of 0.1 dex, assuming the survey area of 2000 deg2.

the redshift bins and the mass bins are same, i = j and
b = b′. On the other hand, the second term of Eq. (37)
gives the sampling variance contribution, which arises
because the number of clusters is fluctuated according
to the large-scale modes of large-scale structure within a
surveyed region:

Si(bb′) ≡ Ω2
sn̄i(b)n̄i(b′)

∫

dχW h
i(b)(z)W

h
i(b′)(z)χ

−2

×
∫

ℓdℓ

2π

∣

∣

∣
W̃s(ℓΘs)

∣

∣

∣

2
PL
m

(

k =
ℓ

χ
; z

)

. (38)

Here W̃s(ℓ) being the Fourier transform of the survey
window function. We assume a circular survey geometry
with survey area Ωs = πΘ2

s for simplicity, with the result-
ing survey window function of W̃s(ℓ) = 2J1(ℓΘs)/(ℓΘs).
The Kronecker delta δKij in the second term of Eq. (37)
imposes that the sampling variance is vanishing for the

counts of different redshift slices, i.e. i ̸= j, assuming
that the redshift slices of clusters are sufficiently wide
such that the cluster distributions in different redshift
slices are uncorrelated.

Then we can write the Fisher matrix for the cluster
number counts N

(

≡ Ni(b)

)

as

FN
αβ =

∑

I,J

∂N I

∂pα
[Cov(N ,N )]−1

IJ

∂NJ

∂pβ
, (39)

where the indices I, J run over the cluster redshift and
mass bins (i, b) and pα denotes a set of model parameters.

Oguri & Takada PRD 83(2011)023008

one-halo term two-halo term 



まとめ
• 銀河の形状を平均して shear γ を観測

• ある点のまわりの tangential shear γ+ が重要
   な情報を持つ

• tangential shear profile と mass map を用いた
   ダークマター分布の測定

• 二点相関は密度揺らぎパワースペクトルと
   関係している


